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We propose that the kinematical observations of dwarf galaxies can be used to constrain the
primordial black hole’s (PBH) abundance in dark matter since the presence of primordial black
holes in star clusters will lead to the radial velocity dispersion of the system. For instance, using
the velocity dispersion observations from Leo I we show that the primordial black hole fraction
fPBH & 2.0× (1M⊙/mPBH)
2 is ruled out at a 99.99% confidence level. This method yields the most
stringent limits on the PBH abundance at the mass scales ∼ (1 − 103) M⊙ and tightly constrains
the primordial origin of gravitational wave events observed by the LIGO experiments.
I. INTRODUCTION
Despite overwhelming evidence from cosmological and
astrophysical observations that shows about 85% of the
matter in the Universe consists of dark matter (DM), the
nature of DM still remains a mystery in science today.
By now various experiments have been designed to aim at
the weakly interacting massive particles (WIMPs), which
have masses and coupling strengths at the electroweak
scale [1, 2]. No obvious evidence for WIMPs has been
observed either in direct [3, 4] or indirect DM detections
[5, 6] so far, and stringent limits have been set on this
DM hypothesis.
One intriguing alternative to the particle DM is that
a population of primordial black holes (PBHs) formed in
the early Universe [7–9] may contribute to the DM abun-
dance. The widely accepted mechanism to produce PBHs
is the direct gravitational collapse of the large primordial
curvature fluctuations in the early Universe [10], other
mechanisms for the formation of PBHs can be found in
Refs. [11–14]. The detection of PBHs not only provides
us with useful information of the early Universe but also
sheds light on the inflation models [15].
It was suggested in Ref. [16] that the gravitational
waves (GWs) produced from the merger of two PBHs
with masses ∼ 30 M⊙ may have been detected by the
Advanced Laser Interferometer Gravitational-Wave Ob-
servatory (LIGO) [17]. Moreover, the merger rate esti-
mated from the GW event observations can be explained
if PBHs constitute a small fraction of DM [18].
The excellent places to test this hypothesis are star
clusters in dwarf galaxies [19], where dark matter is be-
lieved to be the dominant mass component. A star clus-
ter can be treated as a collisionless system when the re-
laxation time is long compared to the age of the Universe
[20]. When the PBHs with mass mPBH ≫ ms (the stellar
mass ms ∼ 1 M⊙) are present in clusters, mass segrega-
tion [21] leads to the PBHs concentrating in the core of
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the cluster, while the stars are displaced to the larger
radii. This effect is limited by the observed half-light
radius [19] and surface density [22] of dwarf galaxies.
Numerical investigations of the star cluster evolution
[23–27] have shown that two-body relaxation generates a
high degree of velocity anisotropy in the outer parts of
the cluster [28] and the appearance of the anisotropy is
closely related to the energy transport processes between
the different mass components. For the age of stellar evo-
lution tage . 5τrh (τrh is the half-mass relaxation time),
the light components obtain radial kinematical energies
from the gravitational encounters with the heavy com-
ponents at the cluster center. Consequently, they move
to the outer regimes of the cluster along the radial or-
bits, which leads to a radial velocity dispersion of the
cluster. During the later stage, as the light components
on radial orbits reach the boundary of the cluster, they
will escape from the bound system more efficiently if they
acquire more kinematical energies from the gravitational
encounters. With the depletion of the stars on radial
orbits, the stars on tangential orbits become dominant,
which leads to a tangential velocity dispersion.
The observations of the high values of center velocity
dispersion in ω Cen and 47 Tuc have suggested the pres-
ence of heavy nonluminous remnants (stellar black holes
or neutron stars) concentrated in the cores of these clus-
ters [29, 30]. In Ref. [29], the velocity dispersion profiles
are calculated by solving the Jeans’ equation, taking into
account the mass distributions of stars and heavy rem-
nants (see Fig. 9 of the reference). Their calculations
show that 7% of total mass of ω Cen and 2% of total
mass of 47 Tuc should be in the heavy remnants (with
masses ∼ 2 M⊙) in order to reproduce the observed ra-
dial velocity dispersion profiles.
In this work, we use these conclusions to show that
the observations of velocity dispersion profiles from dwarf
galaxies have severely constrained the abundance of
PBHs in DM since the presence of PBHs in dwarf galax-
ies will lead to a large velocity dispersion anisotropy as
that shown in the globular clusters. As an example, we
use the dwarf galaxy Leo I, which has an age of ∼ (7−10)
Gyr and is located at a distance about 250 kpc from the
2Sun. The half-mass relaxation time of the cluster can be
computed as [28]
τrh =
1.7× 105 (rh/pc)3/2 N1/2
(ms/M⊙)1/2
yr, (1)
where rh is the half-light radius andN is the total number
of stars. For Leo I, the magnitudes of the half-light radius
and total mass are about 100 pc and 106 M⊙ [31]. Thus,
the ratio of stellar age to half-mass relaxation time for
Leo I is estimated to be tage/τrh ∼ 0.1 − 1. Other dwarf
galaxies with similar relaxation times include Sculptor
and Carina. In this stage, the cluster has large radial
velocity dispersion if the heavy components are present
in the system [24].
In Sec. II of this work, we introduce the MichieKing
model for the description of stellar radial velocity disper-
sion profiles when PBHs are present in the cluster system.
We present our data analysis and the results in Sec. III.
Finally, we give a summary of our conclusions in Sec. IV.
II. THE RADIAL VELOCITY DISPERSION
MODEL
One approach to model the radial velocity dispersion
profiles with the presence of PBHs is by solving the Jeans’
equation, like that done in Refs. [29, 30]. Another ap-
proach to describe the kinematical anisotropy is via the
Michie-King model [32], for instance, see Refs. [24, 33–
35]. The Michie-King model for the phase-space density
of mass component j is given by
fMK,j(E,L) = exp
{−L2/(2r2a,jσ2j )} fK,j(E), (2)
where j = (s,PBH) represents the component of star and
PBH, the angular momentum L = vr sin θ and energy
E = v2/2 + Φ(r), where Φ(r) is the gravitational poten-
tial. σj is the velocity dispersion of the component j at
the center. The King phase-space distribution function
[36, 37] of mass component j is given by
fK,j(E) =
n0,j
(2piσ2j )
3/2
{
exp
(
Φ(rt)− E
σ2j
)
− 1
}
, (3)
where n0,j is a normalized constant, rt is the tidal radius
which represents the external edge of the system. The
truncation in energy is introduced to mimic the role of
tides of the galaxy. The King model describes a cluster
with an isotropic velocity dispersion profile, it is thought
to be a correct zeroth-order dynamical reference model to
represent quasirelaxed stellar systems. The Michie-King
model is a natural extension of the King model to the
anisotropic case.
One of the significant parameters in the Michie-King
distribution function is the anisotropic radius of the mass
component j, ra,j . Inside the anisotropic radius, the ve-
locity dispersion is nearly isotropic, while outside the
anisotropic radius the anisotropy becomes significant.
Following Refs. [24, 33], the anisotropic radius of com-
ponent j has a power-law dependence on the mass mj ,
ra,j = raµ
η
j , (4)
where ra is the anisotropic radius of the system, η ≃ 0.5
for Leo I [24], and µj = mj/m¯, here m¯ ≃ mPBH is the
mean mass at the cluster center [34]. The anisotropic ra-
dius of the system ra is related to the cluster core radius
rc by the relation ra = xrc, where the constant x . 10
[24, 35]. When many components appear in the system,
the central density rapidly becomes dominated by the
most massive component and the core radius quickly be-
comes smaller, exhibiting a much deeper core collapse
[38]. Thus, when PBHs are contained in the system, the
core radius of the cluster can be estimated as
r2c ≃
9σ2PBH
4piGρ0,PBH
. (5)
where σPBH and ρ0,PBH are the velocity dispersion and
mass density of PBH at the center of the cluster. The
velocity dispersion of star and PBH at the center of the
cluster are related by the equipartition
mPBHσ
2
PBH = msσ
2
s , (6)
We only consider the PBHs at mass scale mPBH ≥ 5M⊙.
The central density of PBHs is related to DM density at
the center by ρ0,PBH = fPBHρ0,DM, where fPBH is the
abundance of PBHs in DM and ρ0,DM is the DM central
density.
Although under the framework of ΛCDM cosmology,
large N-body numerical simulations lead to the com-
monly used Navarro-Frenk-White (NFW) halo cusp spa-
tial density profile, analysis of observations in the central
regions of various dwarf halos is in favor of cored profiles
(a review on this topic can be found in Ref. [39]). Thus,
for the DM mass density profile of the dwarf galaxy, we
adopt the Burkert model [40]
ρDM =
ρb
(1 + xb)(1 + x2b)
, (7)
where xb = r/rb. This model has two parameters, the
scale radius rb and the central density of DM ρb. The
Burkert model describes a cored density profile. The cor-
responding gravitational potential is
Φ(r)
Φb
=
(
1− 1
xb
)
ln(x2b + 1)
4
+
(
1 +
1
xb
)(
tan−1(xb)
2
− ln(xb + 1)
2
)
, (8)
where Φb = 4piGρbr
2
b. Here we have defined the potential
to be 0 at the center of the system and to be piΦb/4 at in-
finity [41]. For the calculations of the distribution and ve-
locity dispersion of the stars, we are only concerned with
the relative gravitational potential Ψ(r) = Φ(rt)− Φ(r).
Since DM is the major component of dwarf galaxies, we
treat Eq. (8) as the total gravitational potential.
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FIG. 1. Anisotropy of stellar velocity dispersion as a function
of the projected radius. The yellow, blue, and green lines
correspond to the anisotropy with the values of fPBH = 10
−1,
10−2, and 10−3, assuming mPBH = 30 M⊙.
For a given phase-space distribution function fj(r, v),
the mass density profile of mass component j is given by
ρj(r) = 2pi
∫ pi
0
dθ sin θ
∫ ve
0
dvv2fj(r, v), (9)
where ve(r) =
√
2Ψ(r) is the escape velocity. For the
King model we have
ρK,j(r) = n0,j
{
exp
(
Ψ
σ2j
)
Erf
(√
Ψ
σj
)
−
√
4Ψ
piσ2j
(
1 +
2Ψ
3σ2j
)}
. (10)
The radial and tangential stellar velocity dispersion
profiles are given by
ρjσ
2
r (r) = 2pi
∫ pi
0
dθ cos2 θ sin θ
∫ ve
0
dvv4fj(r, v), (11)
ρjσ
2
θ(r) = pi
∫ pi
0
dθ sin2 θ sin θ
∫ ve
0
dvv4fj(r, v).(12)
Obviously, radial and tangential velocity dispersion of
mass component j are equal in the King model, i.e., σ2r =
σ2θ = σ
2
K. Again we have
ρK,jσ
2
K(r) = n0,j
{
σ2j exp
(
Ψ
σ2j
)
Erf
(√
Ψ
σj
)
− 2
√
Ψ
15
√
piσ3j
(
15σ4j + 10σ
2
jΨ+ 4Ψ
2
)}
. (13)
The projected stellar density profile and line-of-sight ve-
locity dispersion profile are given by
Is(R) = 2
∫ ∞
0
ρs(r)dz, (14)
Isσ
2
los(R) = 2
∫ ∞
0
ρs(r)
z2σ2r +R
2σ2θ
z2 +R2
dz, (15)
where R =
√
r2 − z2 is the projected distance. The
anisotropy of velocity dispersion is defined as
β(r) = 1− σ2θ(r)/σ2r (r). (16)
In Fig. 1 we plot the stellar anisotropy with various val-
ues of the PBH abundance fPBH. We have fixed the PBH
mass mPBH = 30 M⊙; the other parameters used here
can be found in Table I. The stellar anisotropic radius
ra,s (in unit pc) can be estimated by
ra,s ≃ 129
(
σs
km/s
)(
fPBHρb
M⊙/pc3
)− 1
2
(
mPBH
M⊙
)−1
.(17)
For the value of fPBH = 10
−2, the stellar anisotropic
radius ra,s ≃ 600 pc. There are two opposite physical
regimes in the MichieKing models [42]. In the isother-
mal region, Ψ(r)/σ2s ≫ 1 (the King density profile is
controlled by the exponential term), the anisotropy pro-
file can be simplified as β ∼ r2/(r2 + r2a,s). As expected,
the system is isotropic at the center and it radially be-
comes anisotropic at radius r > ra,s. In the regions near
the tidal radius, the potential Ψ(r) tend to 0, and the
anisotropy asymptotes to β ∼ 2r2Ψ(r)/(9r2a,sσ2s ). As
shown in the figure, the anisotropy radially decreases to
0 in these regimes.
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FIG. 2. Stellar surface density as a function of the projected
radius. The dashed blue line shows the results of the King
model, the dotted grey line corresponds to the background,
and the black line represents the total surface density of the
model.
III. DATA ANALYSIS
First, we use the “null” model, i.e., the isotropic King
model [which corresponds to ra → ∞ (fPBH = 0) in the
Michie-King model] to fit the surface density [43] and
velocity dispersion [44] observations from Leo I. In this
framework, the distributions of DM and the stars are
simultaneously determined. We use the Markov chain
4Monte Carlo (MCMC) method to derive the posterior
probability distributions of the parameters from the ob-
servational data [45, 46]. Such an approach is based on
the Bayesian theorem, in which the posterior probability
distributions of the parameters are directly linked to the
likelihood function
L(ϑ) ∝ exp(χ2(ϑ)/2), (18)
where ϑ = {ρb, rb, rt, σs, n0,s, b0} is the set of free param-
eters in the King model (b0 is the stellar background sur-
face density), the chi-square χ2(ϑ) =
∑n
i (µ
d
i −µmi )2/∆2i ,
where µdi is the data, µ
m
i is the value predicted by the
model, and ∆i is the deviation of the measurements.
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FIG. 3. Stellar velocity dispersion as a function of the pro-
jected radius. The black line is the results given by the King
model (or the Michie-King model with fPBH = 0). The yel-
low, blue, and green lines correspond to the velocity disper-
sion predicted by the Michie-King models with the values of
fPBH = 10
−1, 10−2, and 10−3, assuming mPBH = 30 M⊙.
The best-fit set of parameters corresponds to a mini-
mum value of χ2tot = χ
2
sd+χ
2
vd, where χ
2
sd and χ
2
vd are the
chi-square of surface density and velocity dispersion. To
ensure our χ2,mintot is robust, we have run several chains
from different starting points. Figures 2 and 3 (black
line) demonstrate that the observations are consistent
with the predictions of the isotropic King model, which
is confirmed by the minimum values of chi-square for the
fits: χ2,minsd = 25.0 for the photometry (31 data points)
and χ2,minvd = 12.9 for the kinematics (20 data points).
The fitting results are shown in Table I. In the depic-
tions of Figs. 2 and 3, we have fixed the parameters in
the set ϑ at the best-fit values.
In Fig. 3 we show the stellar velocity dispersion pre-
dicted by the Michie-King model with various values of
fPBH. The kinematical data points depicted in the figure
keep nearly a constant up to a radius ∼ 1000 pc. When
the PBHs are present, the radial velocity dispersion de-
velops and exceeds the tangential one at large radii; In
the extreme case, a deep core collapse may lead to the
TABLE I. List of fitting results with the King model
Parameter Best fit Mean 95% credible intervals
rt (pc) 5419.50 5291.15 [4573.83, 6489.03]
rb (pc) 318.91 319.57 [295.32, 343.93]
ρb (10
−2 M⊙/pc
3) 4.60 4.47 [3.95, 5.11]
σs (km/s) 3.00 2.96 [2.92, 3.02]
formation of a massive black hole [47], a steep rise in kine-
matical data near the center may indicate such a massive
black hole inhabiting the center of the cluster [48].
FIG. 4. Constraints on the PBH abundance fPBH as a func-
tion of PBH mass mPBH, the colored regions are excluded
by the constraints. Our constraints from Leo I kinematics
are shown by the solid blue line. Previous constraints on the
PBH abundance, including constraints from the microlens-
ing experiment EROS [51], from stochastic GW background
(SGWB) [52], from wide binaries[53], from cosmic microwave
background (CMB) photoionization [54], from the half-light
radius of the ultrafaint dwarfs (UFDs) [19], and from the sur-
face density of Segue I [22] are also shown in the figure. The
two data points [52] represent the required PBH abundance
for the explanations of GW150914 [17] and GW151226 [55].
We use the observations from Leo I to constrain the
anisotropy of velocity dispersion when the PBHs are
present in the DM. For each given value of mPBH, the
density and line-of-sight velocity dispersion profiles are
computed using the Michie-King model and compared
with the observed data. We obtain the posterior prob-
ability distribution P(fPBH, ϑ)|mPBH for a given value of
PBH mass by the MCMC analysis. Using a procedure
called marginalization [49], the information about the
parameter of PBH abundance is extracted by integrat-
ing over all other parameters ϑ in the posterior density.
This yields the posterior probability distribution of PBH
abundance P(fPBH)|mPBH for a given value of PBH mass.
Finally, by integrating the posterior probability distribu-
tion of PBH abundance to a certain value fup so that∫ fup
0
P(fPBH)|mPBHdfPBH = 0.9999, we are able to deter-
5mine the upper limit on the PBH abundance fPBH at a
99.99% confidence level.
Our constraints on the PBH abundance fPBH as a func-
tion of PBH mass are shown by the blue line in Fig. 4,
the colored regions are excluded by the constraints. The
resulting relation between fPBH and mPBH represented
by the blue line is given by
fPBH ≃ 2.0× (1 M⊙/mPBH)2. (19)
For a PBH with mass 30M⊙, the constraint on the PBH
fraction fPBH is up to ∼ 2 × 10−3. One of the uncer-
tainties in deriving our constraints may contribute from
the parameter η, which is determined by the dynamical
stage of the cluster. The limits on the PBH abundance in
DM assuming the value of 0.2 and 0.8 for η are shown by
the dashed yellow and dashed green lines in Fig. 4. The
results show that the constraints can be altered at most
by about one order of magnitude when η ranges from
0.2 to 0.8. Moreover, we have used the Burkert profile
as the underlying DM distribution. The limits on PBHs
assuming NFW DM halo [50] are also shown in the same
figure (the dotted blue line). FormPBH & 20M⊙ the con-
straints on the PBHs abundance with the NFW profile
are a little stronger than that of using Burkert profile,
while for light PBH masses, the limits become weaker.
Previous constraints on the PBH abundance, including
constraints from the microlensing experiment EROS [51],
from SGWB [52], from wide binaries[53], from CMB pho-
toionization [54], from the half-light radius of the UFDs
[19], and from the surface density of Segue I [22] are
also shown in the figure. The two data points [52] rep-
resent the required PBH abundance for the explanations
of GW150914 [17] and GW151226 [55]. Since the distri-
butions of PBHs in the early Universe are more dense, a
fraction 10−2 − 10−3 of the DM consisting of PBHs can
explain the merger rate estimated by LIGO Collabora-
tion [18, 52, 56]. As shown in the figure, our limits have
already extended into these parameters regimes; thus,
we have the confidence to conclude that the primordial
origin of the GW events observed by the LIGO is strin-
gently constrained by the kinematical observation from
dwarf galaxies.
IV. CONCLUSIONS AND OUTLOOK
In summary, we have proposed that the observations
of the velocity dispersion profile from the dwarf galaxies
can be used to constrain the PBH abundance in the dark
matter. The observed increase of velocity dispersion near
the center of the globular cluster ω Cen and 47 Tuc indi-
cates that a fraction 1%−10% of the total masses should
be in the heavy dark remains with masses ∼ 2 M⊙ [29].
The same effects on the velocity dispersion profiles are ex-
pected when the PBHs are present in the dwarf galaxies,
where dark matter is believed to be the dominant mass
component. We use the kinematical observations from
Leo I as an example to demonstrate that the PBH frac-
tion fPBH & 2.0× (1 M⊙/mPBH)2 is ruled out at 99.99%
confidence level. These give the most stringent limits on
the PBH abundance at the mass scales ∼ (1 − 103) M⊙
and tightly constrain the primordial origin of GW events
observed by the LIGO experiments.
We have assigned a single stellar mass (1 M⊙) for the
star cluster, further improvement of our analysis could
be done by taking into account the stellar mass function
in the cluster. This would involve a small fraction of
dark remains, for instance, the white dwarfs, neutron
stars, and stellar black holes. The future kinematical
observations from the dwarf galaxies could improve both
the estimation of the dwarf galaxies’ DM content and the
constraints on the PBH abundance in DM.
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